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SAMI K. SOLANKI* AND REINER HAMMER**

The solar atmosphere

As a typical star, and the only one that can be spatially
resolved by direct means, the study of the Sun has provided
an insight into many of the fundamental processes taking
place in stellar atmospheres, often at small scales. A prime
example is magneto-convection or the formation of coronae
and the consequent emission of copious amounts of X-rays.
In addition, the Sun’s apparent brightness allows measure-
ments with unprecedented accuracy. Thus the Sun is the stan-
dard against which cosmic abundances are compared. Its high
apparent brightness also means that the Sun is a strong source
at almost all wavelengths and thus detectable with simple, not
particularly sensitive equipment such as the early instruments
flown in space. Thus for many wavelengths the Sun was the
first (or one of the first) cosmic source(s) detected.

However, only the lowest layers of the Sun’s atmos-
phere, the photosphere and chromosphere, can be regularly
observed from the ground over the solar disk. The transition
region, corona and the solar wind are best studied from space,
and even many properties of the photosphere (such as the
variation of solar irradiance with time) had to await space-
based observations for their determination or discovery.

1 OVERVIEW OF THE SOLAR ATMOSPHERE

Traditionally the atmosphere of the Sun is divided into four
layers, starting with the photosphere at the bottom, moving
up through the chromosphere and transition region to the
corona. The photosphere is the layer in which the tempera-
ture drops outwards from around 5800 K at the solar surface
to around 4000 K at the temperature minimum. Beyond that
point it rises again, first relatively gently (forming the chro-
mospheric plateau), but then very rapidly in the transition
region (TR). The temperature profile becomes flatter again
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in the corona. The boundary between the corona and the TR
is often drawn at approximately 10°K. This boundary, like
that between chromosphere and TR, is not sharp or well
defined. At still greater distances from the solar surface the
temperature gradually decreases again, achieving values of
approximately 10°K at 1 AU (whereby electrons and ions
need not have the same temperature in the heliosphere). As
we shall see in subsequent sections, the simple plane-parallel
representation of the solar gas outlined above is not tenable
in any layer of the atmosphere. At any given height more
than one atmospheric component is present, each having its
own temperature, density and velocity structure.

Features as diverse as granular convection cells in the
photosphere (Figure 1) and magnetic loops in the corona
(Figure 2) are now known to structure the respective layers
of the atmosphere. In addition to being spatially inhomoge-
neous at almost all spatial scales, the solar atmosphere is
also highly dynamic at almost all timescales. Much of the
interesting physics to be learnt by studying the solar atmos-
phere is related to this structuring and dynamics and the
associated heating of the chromosphere and corona.

In the following we discuss the various atmospheric layers,
starting with the photosphere and moving outward. Particular
emphasis is placed on the contributions made by space mis-
sions to our knowledge and understanding of the solar atmos-
phere. Since these contributions are largest for the transition
region and corona our discussion of these layers will be more
detailed than of the photosphere and chromosphere. Table 1
summarizes the space missions mentioned in this chapter.

2 THE PHOTOSPHERE

2.1 The plane-parallel photosphere

The solar photosphere is the layer that emits most of the
solar radiative energy flux, with the emitted spectrum
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A snapshot of a part of the solar photosphere taken with a filter centred on the g band at 430.5 nm by T. Berger and

G. Scharmer. The image covers 60000 X 60000 km on the Sun. The most prominent feature is a sunspot. The much smaller
dark features are pores. Also visible are granules (bright cells surrounded by dark lanes) and bright points corresponding to

magnetic elements. (Courtesy of T. Berger.)

having its peak in the visible (in the green part of the wave-
length range). As such, the photosphere is the atmospheric
layer most easily observed from the ground and conse-
quently the one to whose investigation spacecraft have con-
tributed the least. This, however, is changing at a rapid pace,
with the ESA-NASA Solar and Heliospheric Observatory
(SOHO; Fleck and Domingo 1995) providing the first
glimpses of how space-based telescopes can revolutionize
our understanding of the photosphere. The next major
highlight is expected to be provided by the Japan—-US-UK
Solar B mission.

The brightness across the solar disk is not constant but
rather decreases from the centre of the disk to its edge
(the solar limb) at visible wavelengths. This is called limb
darkening. Since at the limb the radiation is emitted at

greater heights, limb darkening implies a decrease in the
temperature with height. Furthermore, the spectral form of
the limb darkening provides information on the continuum
absorption coefficient. Such observations confirmed the
proposal by Wildt (1939) that in the visible the absorption is
dominated by the H™ ion in spite of its low abundance
(Chalonge and Kourganoff 1946).

Traditionally the limb darkening and the shapes and
strengths of absorption lines (Fraunhofer lines) have been
employed to determine the temperature stratification in the
solar photosphere. These diagnostics reveal that the temper-
ature decreases outwards in the solar photosphere from
over 6500K at the deepest observable layers to around
4000K at the temperature minimum (e.g. Holweger 1967).
The advent of UV observations from space, in particular



Figure 2 Composite of several high-resolution images taken with the Transition Region and Coronal Explorer (TRACE; Handy
et al. 1999) in a spectral band near 171 A, which is dominated by emission from eightfold ionized iron atoms (Fe IX) formed
around 10°K. At these temperatures the network is no longer visible, and the disk emission is dominated by active regions, by
coronal loops in the quiet corona (i.e. outside of coronal holes and active regions), and by numerous bright points. Plumes
extend as ray-shaped density enhancements from the north and south polar coronal holes. (Courtesy of the TRACE team. TRACE
is a mission of the Stanford—Lockheed Institute for Space Research, and part of the NASA Small Explorer program.)

Table 1 Space missions mentioned in this chapter

Mission Operation period

Stratoscope several balloon flights 1957 and 1959
OSO 4 (Orbiting Solar Observatory) 1967-69

OSO 6 (Orbiting Solar Observatory) 1969-72

Skylab 1973-74

Spektrostratoskop balloon flight 1975

OSO 8 (Orbiting Solar Observatory) 1975-78

HRTS (High Resolution Telescope and Spectrograph) rocket and shuttle flights since 1975
TRC (Transition Region Camera) rocket flights 1979 and 1980

SMM (Solar Maximum Mission) 1980-89

SOUP (Solar Optical Universal Polarimeter) experiment on Spacelab 2, 1985
NIXT (Normal-Incidence X-ray Telescope) rocket flights, e.g. 1993

Yohkoh since 1991

SOHO (Solar and Heliospheric Observatory) since 1995

TRACE (Transition Region And Coronal Explorer) since 1998

Solar B launch scheduled for 2005
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from Skylab (Tousey 1977), provided a new diagnostic, the
wavelength dependence of the continuum intensity, since at
shorter wavelengths the continuum radiation emanates from
higher layers (e.g. Vernazza et al. 1973, 1981). The advan-
tage of UV and EUV spectra is that they also contain emis-
sion lines belonging to different ions that carry information
on the temperature in the solar chromosphere, transition
region and corona.

A reliable knowledge of the thermal stratification is fun-
damental for the accurate determination of elemental abun-
dances. The pioneering work by Russell (1929) and the
seminal compilation by Goldberg et al. (1960) have been
followed by increasingly detailed and accurate determina-
tions of the abundances of ever more elements. The current
status of our knowledge of solar abundances (from the solar
core to its corona) is discussed in the volume edited by
Frohlich et al. (1998), with the photospheric abundances
being reviewed therein by Grevesse and Sauval (1998). On
the whole these abundances agree surprisingly well with
the meteoritic values, although there are some minor devia-
tions and some residual uncertainty. The latter is due partly
to the inhomogeneity of the solar atmosphere (discussed in
Sections 2.2 and 2.3), which has generally not been taken
into account when determining abundances. However, at
the level of accuracy currently being achieved such inho-
mogeneities begin to have a significant effect.

2.2 Convection

It was evident relatively early that a single atmospheric com-
ponent cannot adequately describe the solar photosphere.
The dark sunspots and the bright faculae (bright structures
most prominent near the limb), already visible with a small
telescope, highlight the need for multiple thermal compo-
nents. Sunspots and faculae are associated with magnetic
activity (Section 2.3), but even the quiet parts of the Sun
are known to be inhomogeneous since the discovery by
William Herschel of solar granulation, bright structures
typically 1000km in diameter separated by a dark network.
Figure 1 shows a snapshot of solar granulation surrounding
a sunspot. On a larger scale a bright network (most promi-
nent in radiation coming from chromospheric and transition-
region layers) is also known to exist. To account for such
regions with different brightness, sets of plane-parallel
models have been produced (e.g. Vernazza et al. 1981,
Fontenla et al. 1993). Again, UV spectra taken outside the
terrestrial atmosphere have played an important role in con-
structing such model families.

High-resolution observations and the modelling of spec-
tral lines have shown that at least in the photospheric layers
it is mainly inhomogeneities at scales smaller than approxi-
mately 1000km on the Sun that are of physical relevance.
For example, faculae, which have sizes of 10*-10°km, are

found to be composed of many small magnetic elements,
each with a diameter of the order of 100 km.

The major inhomogeneity in photospheric layers is
introduced by the granulation, which is the surface signa-
ture of overshooting convection. The bright granules iden-
tify hot upflowing gas overshooting from the convectively
unstable layers below the solar surface into the stably strati-
fied photosphere. These are surrounded by multiply con-
nected cool and hence dark lanes of downflowing gas.
Properties of the granulation have been deciphered using
data obtained with balloon-borne telescopes (with the
Stratoscope, Danielson 1961; and the Spektrostratoskop,
Mehltretter 1978), in space (Solar Optical Universal
Polarimeter (SOUP), Title et al. 1989) and from the ground
(Muller 1999).

A particular success have been detailed two- and three-
dimensional numerical simulations, that is computations of
the radiation hydrodynamics under conditions correspond-
ing as closely as possible to those present on the Sun, based
on a minimum of simplifying assumptions. Such simula-
tions have reproduced a wide variety of observations (e.g.
Nordlund 1984, Lites et al. 1989), so that they are likely to
include the main physical ingredients necessary to describe
solar granulation. Mainly, however, they have led to a better
physical understanding of solar convection and the influ-
ence of granulation on, for example, abundance determina-
tions (e.g. Solanki 1998). Both observations and simulations
suggest that the vertical velocity associated with granules
decreases rapidly with height, while the horizontal velocity
becomes increasingly strong, being supersonic over por-
tions of the largest granules. This last fact is one of the rare
predictions made by theory in solar physics that have been
subsequently confirmed by observations.

An oscillatory velocity component is also present in the
photosphere and chromosphere. In the photosphere its power
peaks occur at a period of around 5min, while in the chro-
mosphere the power peak lies near 3 min. The 5 min oscilla-
tions are evanescent in the solar atmosphere, but propagate
in the solar interior. They are used to probe the subsurface
layers of the Sun (helioseismology). The amplitude of the
vertical oscillatory velocity increases with increasing height
and dominates over the vertical granular flow field at the
top of the photosphere.

In addition to granulation three larger scales of convec-
tion are known to affect the solar atmosphere, mesogranula-
tion (5-7Mm in size) discovered by November et al.
(1981), supergranulation (20-30 Mm) discovered by Simon
and Leighton (1964) and giant cells (covering 40° in longi-
tude and less than 10° in latitude) discovered by Beck er al.
(1998) using Dopplergrams recorded by the Michelson
Doppler Interferometer (MDI) on SOHO. Granulation has
by far the most readily visible signature in the photosphere,
followed by supergranulation, while the influence of the
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other scales of convection on the solar atmosphere is so
subtle that it can only be detected with the help of special
techniques. In addition to revealing giant cells, MDI has
also provided the best images of supergranulation at the
solar surface (from Doppler shifts). Yet another important
contribution of MDI to the study of solar convection has
come from the application of local helioseismic techniques
to time series of MDI Dopplergrams. Such analyses of the
solar oscillation spectrum have provided the first images of
supergranular flows below the solar surface (Duvall e al.
1997). A comparison between the subsurface supergranula-
tion (reconstructed from MDI local helioseismology) and
MDI magnetograms provides direct confirmation of the tra-
ditional picture that the magnetic network is located at the
convergence points of the (subsurface) supergranules, so
that the magnetic features float in the downflow lanes of the
supergranules (Duvall and Gizon 2000). This increases
the confidence in the results of local helioseismology. The
study of solar convection has thus been firmly catapulted
into the space age by MDI, after the SOUP paved the way.

Simulations are now starting to move beyond granules to
the larger convective cells (Ploner et al. 2000). They sug-
gest that the large-scale convective phenomena observed at
the surface are driven at or very close to the surface itself
and are not due to the ionization of helium in deeper layers,
as had earlier been suggested.

2.3 Magnetic fields

The strongest structuring agent of the photosphere besides
granulation is the magnetic field. It is concentrated into flux
tubes with a field strength of 1-1.5kG at photospheric lev-
els, but also has a weaker component, which contains the
same order of magnitude of flux as the tubes, but only a
small fraction of the magnetic energy. This has to do with
the fact that whereas the flux is proportional to the field
strength the magnetic energy scales with the square of the
field strength.

In the photosphere the magnetic flux tubes are nearly
vertical and can be considered to be vertical bundles of con-
centrated magnetic field lines surrounded by nearly field-
free gas.

The largest flux tubes, or rather their intersections with
the solar surface, are visible as dark sunspots, while the
smallest ones are the magnetic elements, groups of which
form faculae and the network. Sunspots have a diameter
lying in the range 4000-60000km. They are dark and are
distinguished from the generally smaller pores by the fact
that sunspots have two main components, a darker umbra
(with an effective temperature T,;=~4500 K) and a less dark
penumbra (7.4=5500K), while pores have basically one,
umbra-like component. Sunspots have peak field strengths
of 2000-3500G, increasing with size. The field strength

averaged over the whole sunspot (i.e. over the cross-section
of the flux tube) is 1000-1500G and is very close to that
found for small-scale magnetic elements, although the latter
carry up to 10° times less magnetic flux. The field strength
averaged over the flux-tube cross-section actually appears
to be independent of flux-tube size at all heights in the
photosphere (Solanki et al. 1999). An explanation for this
result has so far not been given.

An additional basic property of sunspots is the presence
of an outflow in the penumbra along thin horizontal flux
tubes embedded in the generally inclined field. This outflow,
termed the Evershed effect (Evershed 1909), decreases with
height and finally turns into an inflow at chromospheric
heights, where it is called the inverse Evershed effect
(St. John 1913; see Solanki 1997 for a review). Observations
with the spectrometers UVSP on the Solar Maximum
Mission (SMM; Chipman 1981) and more recently with the
Solar Ultraviolet Measurement of Emitted Radiation
(SUMER) and the Coronal Diagnostics Spectrometer
(CDS) on SOHO revealed that in the transition region the
inverse Evershed effect continues into the umbra, where it
manifests itself as a downflow that can reach supersonic
velocities at transition region temperatures, in particular
in bright structures called sunspot plumes (Kjeldseth-Moe
et al. 1988, Brynildsen et al. 1999).

At the other end of the size scale of flux tubes are the
magnetic elements, whose diameters are close to or less
than the best currently achievable spatial resolution (which
corresponds to approximately 150km in visible light).
These flux tubes are bright and harbour most of the mag-
netic energy in photospheric layers, although they probably
carry less than half of the total magnetic flux (Meunier
et al. 1998). They are constantly being moved around by
granules and supergranules. Rapid jostling by granules may
produce waves propagating upward along the flux tube
(Roberts and Ulmschneider 1997, Grossmann-Doerth et al.
1998), which may contribute to the heating of the chromos-
phere and corona (e.g. Choudhuri et al. 1993). They also
appear to periodically dissolve or fragment and form again
later (Berger et al. 1998, Gadun et al. 2001). Schrijver et al.
(1998) estimated from the high rate of magnetic flux emer-
gence revealed by MDI magnetograms of the quiet Sun that
the flux in the magnetic network is replaced every 40 hours.
The flux emerges in the form of a small loop, whose foot-
points move ever further apart with time and rarely come
together again later. Thus, from the way that the emerged
flux is seen to evolve it is clear that reconnection between
field lines must be commonplace and must happen almost
uninterruptedly (Section 4.2).

Magnetic elements and sunspots not only structure the
photosphere, through their field lines they provide also
links to the chromosphere and corona. Along these links
energy can be transported from the solar interior (where it
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is present in abundance) to the outer atmosphere, where it
needs to be deposited. Significant advances in the study of
photospheric fine structure (granulation, sunspots, magnetic
elements) and of its connection to chromospheric and coro-
nal features are expected to follow from the Solar B mis-
sion, currently scheduled to be launched in 2005.

Magnetic elements and sunspots are also thought to
be largely responsible for the observed fluctuations of the
solar irradiance, that is the brightness of the whole solar
disk as measured from above the Earth’s atmosphere. All
successful observations of solar irradiance variations have
been carried out from space. In the meantime the irradiance
could be monitored almost continuously for two full solar
cycles, although with a variety of instruments whose
records only partially overlap (Frohlich 2000). Such
measurements have led to the discovery of brightness dips
lasting weeks, produced by the passage of sunspots across
the solar disk in connection with solar rotation, as well as
a brightening (by 0.1% in total irradiance) at solar activity
maximum relative to activity minimum (Willson and
Hudson 1991). Both these effects can be quantitatively
reproduced on the basis of the evolution of the surface area
and spatial distribution of sunspots and faculae on the solar
surface (Solanki and Fligge 2000).

3 THE CHROMOSPHERE

3.1 The chromospheric spectrum

The solar chromosphere is visible without filters for a short
time at the beginning and end of totality of a solar eclipse at
which point the solar limb changes colour dramatically.
Outside of eclipses it can be observed in the cores of strong
absorption lines at visible or near-ultraviolet wavelengths.
Alternatively many of the emission lines in the extreme ultra-
violet (EUV) part of the spectrum arise in the chromosphere.

Prominent spectral lines of chromospheric origin are the
Ca Il H and K lines at around 390 nm, or the Mg IT h and k
lines at around 280 nm. The cores of these absorption lines
show a central intensity peak, which indicates a reversal
of the temperature gradient with height, that is that the tem-
perature decrease with height in the photosphere is followed
by a temperature increase in the chromosphere, although
alternative explanations (assuming a time-dependent or spa-
tially structured chromosphere) are also possible (e.g.
Carlsson and Stein 1995).

The spectrum of the chromosphere and of the hotter tran-
sition region and corona is, however, much richer when
observed from space for two reasons. Firstly, the shorter
wavelengths at which most of the transitions from ionized
species that sample higher temperatures take place can only
be observed from above the Earth’s atmosphere. Secondly, at

increasingly shorter wavelengths the continuum is formed at
ever greater heights, so that at wavelenghts below roughly
160nm all the spectral lines must be formed in the chromos-
phere or above. Another advantage of the EUV is that in con-
trast to the cores of strong lines in the visible many of the
lines in the EUV are optically thin and thus easier to analyse.
It is therefore not surprising that a significant part of the effort
in space-based solar physics had been invested into EUV
spectroscopy, culminating in the two spectrometers CDS and
SUMER on board the SOHO spacecraft. In particular the lat-
ter has provided extremely rich spectra of the chromosphere
and the transition region at high spatial and spectral resolu-
tion. In Figure 3 a spectrum of the quiet Sun obtained by
SUMER is plotted (Curdt et al. 1999). Note the large number
of emission lines in the spectrum. The first- and second-order
spectra of the SUMER grating overlap and refer to the lower
and upper wavelength scales, respectively. Most prominent
are the Lya line of hydrogen at 1216 A and the Lyman con-
tinuum starting near 912 A . Figure 4 shows blow-ups of two
spectral regions, with the identifications of the main spectral
lines being indicated. Many transitions of neutral (C I, N I,
Ne I, S I) and singly ionized species (Fe II, N II, C II, Ar II)
are visible. Most of these are of chromospheric origin.

3.2 Standard chromospheric models

In standard, time-independent plane-parallel models of the
solar atmosphere (such as those of Fontenla et al. 1993) the
chromosphere covers the height range between the tempera-
ture minimum at the top of the photosphere and the bottom
of the transition region, where the temperature increases
rapidly with height. In the lower chromosphere of such a
model the temperature increases outward appreciably but
becomes reasonably height independent in the middle and
upper chromosphere. The chromosphere is the lowest part
of the atmosphere in which the temperature increases
significantly outward from the solar surface and which
therefore definitely cannot be in radiative equilibrium, but
rather requires some mechanical or magnetic source of
energy input. The current picture of the solar chromosphere
is geometrically far more complex and more dynamic than
portrayed by such ‘standard’ models (Section 3.4), but
for many purposes the standard plane-parallel models are
adequate and are still used.

The chromospheric layers of these models are in general
based on EUV continua below 1600 A and lines formed
partly or completely in the chromosphere (Lya, Mg II k,
Ca Il K). Of particular importance have been spectra obtained
by the Orbiting Solar Observatories OSO 4 and OSO 6
(Vernazza et al. 1973) and by Skylab (Vernazza et al. 1981,
Fontenla ef al. 1993). A difficult problem within the context
of these models has been posed by the hydrogen Ly« line,
whose profile could not be reproduced by static models.
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Figure 3 Quiet Sun spectrum of 12 August 1996 from 01:13 to 03:40 UT in first order from 800 A to 1590 A. The spectrum is
corrected for detector dead time and local gain depression effects, and the attenuation at and near H | Ly « is compensated.
Isoradiance contours render the radiometric calibration. (Courtesy of W. Curdt.)

Only the introduction of ambipolar diffusion by Fontenla
et al. (1993, and reference therein) led to satisfactory results.
The presence of horizontal structuring in the chromos-
phere, clearly visible in ground-based images made in the
core of the Ca II K line and in all chromospheric UV and
EUYV lines (Bonnet et al. 1980, Lemaire et al. 1997) is
taken into account in a simple manner in these models
by introducing a set of plane-parallel atmospheres, each
describing different parts of the Sun (different atmospheric
components) ranging from the interiors of network cells
(darkest and coolest) to the network (brightest and hottest).

3.3 Chromospheric heating

Soon after it was realized that the solar corona is hot,
Biermann (1946) suggested an explanation that evolved into
the standard heating theory for both the solar chromosphere
and corona over a period of three decades. This theory is
based on acoustic waves that are generated abundantly in the
turbulent flow field of the upper convection zone. As these

waves propagate upward, their profile changes since in
large-amplitude waves the wave peaks have a higher propa-
gation speed than the valleys. Therefore the peaks attempt to
overtake the valleys. This leads to the formation of shocks —
thin zones in which the velocity and temperature change so
rapidly that viscosity and thermal conduction convert the
wave energy into heat, which is then available to sustain the
elevated temperature of the upper solar atmosphere.

The formation of shocks out of sound waves is not an
everyday experience. Imagine, for example, that we confine
the sound of a tuning fork into a tube in order to enforce
one-dimensional propagation. Such a small-amplitude wave
must travel a distance of the order of the circumfer-
ence of Earth before it shocks. The waves generated in the
upper solar convection zone can form shocks a hundred
times faster, despite their longer wavelengths. This is because
of their large amplitudes — they are already large when the
waves start in the convection zone, and they increase further
as the waves propagate upward into a region of decreasing
density.
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When shocks have been formed, the wave amplitude is
controlled by two competing effects: the outward density
decrease in the solar atmosphere tends to increase it further,
whereas the energy loss associated with shock dissipation
tends to decrease it. Ultimately both effects balance each
other; then the shock amplitude remains roughly constant.
The heating associated with such a wave of constant ampli-
tude is proportional to the density. This matches nicely the
behaviour of the radiative output in standard (hot) chromos-
phere models (Ulmschneider 1970, Anderson and Athay
1989).

Therefore, chromospheric heating by acoustic shock
waves has some attractive properties: it starts in the lower
chromosphere, after shocks have been formed, and then it
decays in a way consistent with the observed radiation loss.
For these reasons, acoustic waves are still thought to be
the main heating source of nonmagnetic parts of the solar
chromosphere. They can also explain the so-called ‘basal’
emission from the chromospheres of stars with very low
magnetic activity (Buchholz et al. 1998).

The same properties that make acoustic waves attractive
for heating the chromosphere, however, make them unsuited
for heating the corona. Their energy flux, decaying propor-
tionally to the density, is virtually exhausted when they
reach the corona. This was shown with data obtained by
the OSO 8 satellite, which placed very severe constraints on
the amount of upward propagating acoustic energy flux in
the upper chromosphere and lower transition region (Athay
and White 1978, Bruner 1981). Ground-based observations
(e.g. Schmieder and Mein 1980) confirmed these con-
straints, and theoretical models showed that purely acoustic
waves are unlikely to be able to produce a corona in either
Sun-like or giant stars (Hammer and Ulmschneider 1991).

Sophisticated numerical simulations of shock waves in
the nonmagnetic solar chromosphere (Carlsson and Stein
1995, 1997) reproduced very well the observed brighten-
ings in the spectral lines H and K of singly ionized calcium
and showed convincingly that the observed time-dependent
variations in the line profiles are caused by the passage of
large-amplitude shocks. The temperatures and densities
behind these shocks were found to be so high that these
postshock regions alone could produce the entire emission
from the lower chromosphere, without an outward rise of
the average chromospheric temperature. However, these
simulations neglected short-period acoustic waves, which
are also generated in the convection zone and could provide
some background heating, as argued by Kalkofen et al.
(1999). Therefore it is not yet clear if the entire lower chro-
mosphere in nonmagnetic regions is cool and where the
average temperature starts to rise. This problem will be dis-
cussed further in Section 3.4.

In magnetic parts of the chromosphere, in particular in
the network, the magnetic field plays an important role in

the heating process. In the simplest case, this role is rather
passive, when magnetic flux tubes only act as quasi-static
ducts that channel longitudinal wave motions. Such waves
can be generated by squeezing flux tubes in convective
flows. They can also be generated out of transverse flux
tube waves, similar to water splashing out of a water hose
that is shaken around. The presence of a magnetic field
changes the propagation speed of longitudinal tube waves
only slightly; however the onset of shock formation and
heating can be delayed in flux tubes that expand rapidly
because the wave amplitude grows slower when the wave
energy is spread over an increasing area. Otherwise longitu-
dinal tube waves have similar properties as regular acoustic
waves; in particular they heat rapidly and are thus good
candidates for heating magnetic parts of the chromosphere
of the Sun and other stars (Cuntz et al. 1998).

The magnetic field can also play a much more active
role in the heating process, for example when transverse or
torsional wave motions of the magnetic field carry the main
wave energy, or when stored magnetic energy is released
when different magnetic structures collide. Such heating
mechanisms will be discussed further in Section 5.1 in the
context of coronal heating. Several of the mechanisms that
might heat the corona could also contribute to the heating
of magnetic parts of the chromosphere.

3.4 Thermal and dynamic structure of the
chromosphere

An image taken in almost any spectral line formed at chro-
mospheric temperatures reveals prominent spatial structure,
the most dominant being the so-called chromospheric
network. This consists of patches of enhanced brightness
located along the boundaries of supergranulation cells (e.g.
Bonnet et al. 1982). This network is quite inhomogeneous
and patchy, with its brightness being related to the amount
of magnetic flux concentrated at that particular location.
In general, the chromospheric network looks qualitatively
similar to that visible in lower transition-region lines, such
as He I 304 A, although the individual network features in
the chromosphere are usually finer scale. In the chromos-
phere the enhanced brightness in the network is thought
to be caused by the dissipation of waves travelling along
the magnetic flux tubes (cf. Section 3.3). Magnetoacoustic
waves, that is acoustic waves modified by the magnetic field
and propagating along the field lines are the principal mode
thought to be of importance for chromospheric heating. In
contrast to other, incompressible, wave modes supported by
magnetic flux tubes magnetoacoustic waves with reasonable
amplitudes in the photosphere steepen to form shocks at
chromospheric heights. Such shocks provide an efficient
mechanism for the dissipation of the wave’s energy, that is
its conversion into thermal energy of the local gas.
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Although in atomic lines the brightness contrast between
network and cell interior is generally smaller in the chro-
mosphere than in the transition region, there is evidence
from molecular transitions that this is not the whole story.

The fundamental band of the rotational—vibrational
transitions of the CO molecule is located around 4.8 pm
in the IR. When observed near the solar limb or off the
limb the cores of the strongest lines of this band are formed
in the chromosphere and exhibit temperatures as low as
3500-3800K, that is below the traditional temperature-
minimum value (Ayres and Testermann 1981, Solanki ef al.
1994). This led to the picture that much of the lower solar
chromosphere is in a cool state, quite different from that
described by standard chromospheric models (Section 3.2).
Combining these observations with the picture revealed by
atomic chromospheric lines such as the Ca Il H and K lines
(which show the bright chromospheric network) it was con-
cluded that only a small fraction of the solar chromosphere
is actually in a hot state. This consists mainly of the net-
work, with the cell interiors being very cool according to
this picture (Ayres et al. 1986). On the other hand, using
data obtained by SMM, Athay and Dere (1990) deduced
that at least in the layers at which the O I and C I lines at
UV wavelengths are formed, 90% of the solar suface is
covered by gas at chromospheric temperatures.

The theoretical ideas used to explain this complex and
seemingly contradictory thermal structure have evolved con-
siderably with time. Ayres (1981) first pointed out that the CO
molecule itself may contribute to the high contrast in temper-
ature between that deduced from atomic lines and the CO
lines. If the heating rate is not sufficiently high and the chro-
mospheric temperature drops below a given value (roughly
4000K), CO begins to form rapidly. Since this molecule is an
efficient radiative cooling agent it then lowers the temperature
even further until a steady state is reached. Sufficiently above
the critical temperature CO never forms and the atmosphere
remains hot. This process leads to a thermal bifurcation.

More recently another, more dynamic scenario has
emerged from the one-dimensional radiation-hydrodynamic
simulations of Carlsson and Stein (1995). These indicate
that the passage of shock waves through the chromosphere
produces strong peaks in temperature that can be higher
than the traditional chromospheric temperature. The chro-
mospheric emission in atomic lines samples mainly these
high temperatures, while the CO lines are a better diagnos-
tic of the cool gas between the shocks, since CO gets
dissociated at the shock temperatures. Interestingly, when
averaged over time the chromospheric gas in these simula-
tions is cool, with temperatures close to those deduced from
CO (Section 3.3).

Finally, in three dimensions we expect interactions
between acoustic waves propagating in different directions
(Rutten and Uitenbroek 1991) as well as overshooting from
granular convection in the lower chromosphere (e.g. Steffen

and Muchmore 1988) to also play a role in shaping and
structuring the chromosphere.

3.5 Magnetic canopy

Magnetograms obtained near the solar limb in chromos-
pheric lines reveal the presence of large patches of almost
horizontal magnetic field, which have been interpreted as
the base of a magnetic canopy (Giovanelli and Jones 1982).
This means that above a certain height, which is thought to
be around 700-1000km in the quiet Sun, the atmosphere
is filled with magnetic field. Recently, independent Hanle
effect measurements have confirmed the presence of such a
magnetic canopy (Bianda et al. 1999). The Hanle effect is a
quantum interference effect that allows the measurement of
much weaker magnetic fields in the solar atmosphere than
is possible with the generally used Zeeman effect.

The explanation of such a low-lying magnetic canopy
makes use of the large temperature contrast between the
hot magnetic elements and their cool surroundings since
the pressure scale height is proportional to temperature. The
magnetic field in a flux tube is confined by the excess of gas
pressure in the surroundings. In the hotter flux tubes the gas
pressure decreases less rapidly with height than in the
cooler surroundings. Solanki and Steiner (1990) showed
that for empirically derived temperature stratifications the
internal gas pressure becomes larger than the external value
at around 700-1000km. At this height the magnetic field
cannot be confined by the external gas any more and
spreads out rapidly. Thus a canopy is formed, in agreement
with the observations.

One interesting quantity describing the relative impor-
tance of gas and field for the dynamics is the plasma
B = 8mp/B?, which is simply the ratio of the thermal energy
density of the gas to the magnetic energy density. In the pho-
tospheric layers of flux tubes the magnetic energy density
dominates over that of the gas, that is, 8 <<1. In the canopy,
however, B can locally become larger than unity, since due to
the rapid expansion the field becomes rather weak. Higher in
the atmosphere (e.g. the corona) 8<< 1 everywhere and the
dynamics are to a large extent magnetically driven. This
decrease in B is produced because the gas pressure decreases
exponentially, whereas above the canopy the field strength
decreases only slowly, roughly following a power law.

4 TRANSITION REGION

The transition region between the chromosphere and corona
belongs to the most fascinating parts of the solar atmos-
phere. It separates two vastly different temperature regimes,
in which the energy balance between heating and cooling
processes operates in different ways. This thermal interface
is thin, but highly structured and extremely dynamic. There
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Figure 5 Schematic representation of the energy balance and average temperature along a magnetic flux tube in the outer
solar atmosphere. The right-most part of the diagram (labelled outer corona) applies only to ‘open’ flux tubes that extend out
to interstellar space. This part of the diagram does not apply to flux tubes belonging to a coronal magnetic loop; here
the remaining part of the diagram describes one loop ‘leg’, from the solar surface up to the point near the loop top where the
maximum temperature is reached. The chromosphere is characterized by a local balance between heat input and
radiative output. Transition region and corona are characterized by a global energy balance, where the heat input is
redistributed by thermal conduction to the places where it is needed. In both open and closed flux tubes, heat is conducted
back into the inner corona and transition region, where the densities are high enough that the energy can be radiated away in
strong emission lines of various ions. In magnetically open regions, heat is also conducted outward and helps to lift the solar
wind out of the solar gravitational field and to accelerate it to its high speed. In addition to conduction, the wind is also
powered by the energy set free by the cooling of the outflowing gas (‘enthalpy’) and by the direct energy and momentum input

from waves.

are indications that significant variations occur on spatial
and temporal scales that are smaller than could be resolved
with the best current instruments. In fact, the transition
region may be that part of the solar atmosphere that will
ultimately impose the highest demands on the spatial and
temporal resolution of future space observations if we ever
want to understand the dominating physical processes in
sufficient detail.

4.1 Energy balance

Before we discuss small-scale variations, a few simple the-
oretical considerations are in order, to explain the different
character of the energy balance in the chromosphere and
corona, why these two regimes are separated by a thin tran-
sition region and where this transition region is located. The

essence of these theoretical considerations is illustrated in
Figure 5.

Throughout the entire chromosphere, the Sun is able to
adjust the temperature and ionization state of the gas in
order to radiate away the energy that is locally deposited by
the heating mechanisms. The further out we go, however,
the lower the density becomes, and the longer it takes for the
atmosphere to cool by radiation after a heating event.
Ultimately radiation becomes so inefficient in the outer, ten-
uous parts of the solar atmosphere that any substantial
amount of heating leads to the formation of a hot corona.

In the corona, the temperature is large enough that all
atoms are highly ionized, and that the free electrons have
such high thermal speeds that they can transport energy very
efficiently from hotter to cooler places. This energy redistri-
bution by thermal conduction changes the character of the
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energy balance fundamentally, since now the energy sources
(where the heating occurs) and sinks (where the radiation is
emitted or gas motions are powered) can be spatially sepa-
rated. It is through this trick of globalizing its energy bal-
ance that the corona can once again achieve energy
equilibrium. Thermal conduction (and to some extent also
flows and waves) collects the heat input in the inner corona
and transports it back towards higher densities where it can
be radiated away more easily. In magnetically open regions,
part of the energy is also transported outward, where it helps
to lift the solar wind plasma out of the gravitational field of
the Sun and to accelerate it to its final speed.

A major energy sink of the corona is the transition region
to the underlying chromosphere. Within this thin layer the
temperature jumps by two orders of magnitude, from around
10*K in the upper chromosphere to around 10°K in the
corona (Figure 5). Many ions with strong spectral lines exist
in this temperature range. Particularly large amounts of
energy are emitted in the resonance lines of the most abun-
dant elements, hydrogen (HI Ly a 1216 A ) and neutral (He I
584 A) and singly ionized (He IT 304 A ) helium, which are
all formed at the foot of the transition region. Numerous
other strong spectral lines from a variety of ions are also
formed in the transition region. Since virtually all of these
emission lines are located in the UV and EUV parts of the
spectrum, which are absorbed by the Earth’s atmosphere,
any direct observational information on this layer must
come from space instruments.

For the outer solar atmosphere, the total emitted energy
per volume and time can be shown to vary as the square of
the density times a function of temperature. This function
peaks around 10°K; and moreover the density in the lower
transition region is two orders of magnitude higher than in
the corona. This explains why the transition region radiates
much more efficiently than the corona. Plasma with a den-
sity and temperature typical of the lower transition region
can radiate away its thermal energy in a so-called radiative
cooling time of only a few seconds, while plasma with
properties typical of the inner corona needs about an hour
to cool by radiation.

For this reason a lot of energy is transported by thermal
conduction from the corona back into the transition region,
from where it is radiated away. At high temperatures, ther-
mal conduction is mostly due to electrons, which are bound
to follow the magnetic field lines. The conductive energy
flux is then given by the temperature gradient along the
magnetic field times the thermal conductivity, which is
determined by the speed at which the electrons can move.
As the conductive energy flows downward to lower temper-
atures, the electron speed decreases rapidly. The resulting
decrease of the conductivity must be offset by a steepening
of the temperature gradient in order that the energy can still
be transported further down. As a result, the transition

region is a thin layer with a particularly steep temperature
gradient in its lower parts.

The location of the onset of the transition region within
the chromosphere determines its pressure, or density, and
thus the amount of energy that it can radiate away. This
location is therefore adjusted to changes of the coronal
heating rate. Suppose the energy input into the corona is
temporally enhanced. Then the excess energy can no longer
be radiated away either in the corona or the transition
region at their current densities. It is therefore conducted
right into the upper chromosphere, where it heats up
plasma, which then expands into the corona. This process
of ‘chromospheric evaporation’ effectively pushes the tran-
sition region downward until the density in the transition
region and corona becomes high enough that the excess
heat input can be radiated away. Conversely, when the heat
input into the corona is temporally reduced, coronal plasma
cools and flows back down into the chromosphere (‘coronal
condensation’). In this way fluctuations in the coronal heat-
ing rate generate flows through the transition region.

4.2 Structure

The transition region is not simply a thin, spherically sym-
metric shell around the Sun. It is highly structured by the
magnetic field. The latter fills all available space already
above the middle chromosphere (Section 3.5), but is still dis-
tributed inhomogeneously in the overlying transition region
and corona. Even along a given magnetic field line the loca-
tion of the transition region varies in time, in response to the
coronal heat input, as discussed in Section 4.1.

On the disk, the most prominent feature seen in spectral
lines from the lower transition region (Figure 6) is the
network, an extension of the chromospheric network to
higher temperatures. The brightest network elements are up
to an order of magnitude brighter than the darkest points in
the cell interior. However, not the entire network lane area
is bright at any given point in time. The total network area
accounts for about two-thirds of the total emission. The
width of the network lanes is typically around 7Mm (e.g.
Patsourakos et al. 1999), while the cell diameters are of the
order of 20-30 Mm. Beyond 2.5 X 10°K the network widens
rapidly with increasing temperature, hence it becomes
increasingly diffuse and is no longer recognizable above
10°K (Figure 2).

The ultimate reason for the enhanced emission in the
network is that there the magnetic flux density is larger
than in the cell interior. Horizontal convective flows trans-
port newly emerging magnetic flux from the interior of
supergranulation cells towards the borders, where it accu-
mulates. Studies with the MDI instrument on the SOHO
satellite showed that some of these flux elements disappear
during this trip, for example by subduction under the solar
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Figure 6 Solar image, taken with the Extreme Ultraviolet
Imaging Telescope (EIT, Delaboudiniére et al. 1995) on SOHO
in a wave-length band dominated by the spectral line
He 11304 A of singly ionized helium, formed around 60 000 K
in the lower transition region. On the disk, the most
characteristic feature seen at these temperatures is the
network structure. The limb shows several prominences,
which consist of plasma much cooler than the surrounding
corona, supported by a magnetic field. These structures can
become unstable and erupt, as in the lower left. Other limb
features are needle-like EUV macrospicules. The significantly
reduced brightness in coronal holes (like the one at the
bottom of the image) is not typical of spectral lines formed in
the lower transition region, but a special property of helium
lines. (Courtesy of the SOHO/EIT team. SOHO is a project of
international cooperation between ESA and NASA.)

surface. Others, however, reach the borders of the super-
granulation cells, at a rate sufficient to replenish the net-
work magnetic field within 40 hours (Schrijver et al. 1998).
Some of these magnetic flux elements collide with pre-
existing network field, often causing reconnection events
(Chapter 43). The latter might be responsible for most of
the observed dynamics, which will be discussed later.
Reconnection also leads to the reconfiguration of the mag-
netic field. As a result, the network field is a continuously
changing mixture of magnetic flux tubes of various geome-
tries and sizes, consisting mostly of a range of magnetic
loops, from the smallest ones that cannot yet be resolved
observationally to large ones that connect to the solar sur-
face at large distances. In some areas there are also open
flux tubes, which reach out all the way to the interstellar
medium. The small loops do not extend to large heights.

Thus with increasing height the magnetic structure becomes
simpler, and only the so-called coronal funnels (the legs of
large loops and open regions) survive and expand into the
available space above the cell interior. Models of this
expansion (Gabriel 1976) describe the observed widening
of the network in the upper transition region quite well. The
emission from the lower transition region (7 <2 X 10°K),
however, is much harder to model. This will be discussed in
more detail in Section 4.4.

While with increasing temperature the network fades,
other features begin to dominate the appearance of the Sun
(Figure 2). They outline the magnetic field structure on
larger scales and show us the basic components of the
corona: coronal holes are regions where the large-scale
magnetic field is unipolar, while active regions consist of
complex systems of magnetic loops with enhanced mag-
netic field strength, temperature and pressure. The corona
outside of holes and active regions is called the quiet
corona; it is composed of loops of lower temperature and
pressure than in active regions, and perhaps some inter-
spersed small open field regions.

Coronal holes are barely noticeable in the emission
intensity from temperatures corresponding to the lower
transition region. The small-scale magnetic network seems
to be similar, although not identical (Huber et al. 1974),
underneath coronal holes as under the quiet corona. With
increasing temperature (beyond 5 X 10°K) the brightness
contrast between quiet Sun and coronal holes increases, and
the densities and temperature gradients are smaller in coro-
nal holes. Near 10°K (Figure 2), finally, no emission is vis-
ible any more from coronal holes because their maximum
electron temperature is somewhat smaller. Here we see only
emission from the diffuse quiet corona (with maximum
temperatures in the range 1-2 X 10°K), active regions (with
temperatures of several million kelvin) and compact bright
points.

Along the solar limb, several types of inhomogeneities
can be seen at chromospheric and transition region temper-
atures, including prominences and various types of
spicules. Prominences are relatively cool clouds of gas (at
around chromospheric temperatures) that are embedded in
the hot corona and usually supported against gravity by the
magnetic field. They are often surrounded by, and inter-
spersed with, plasma emitting at transition region tempera-
tures. Spicules can be seen in strong chromospheric lines as
columns of gas protruding out of the solar limb, 10 Mm
high and less than 1 Mm thick. They consist of chromos-
pheric matter that is ejected upward at speeds exceeding
20kms~! and then either falls back or disappears from the
visible part of the spectrum after a total lifetime of
5-10min. Spicules transport much more mass into the
corona than is needed by the solar wind, so essentially all
of it must flow back. Those spicules that are not seen to fall
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back at chromospheric temperatures are probably heated up
to a few times 103K before most of their gas flows down
again and contributes to the transition region emission. On
the other hand, as long as the spicule matter is cool, it
absorbs part of the transition region emission at short wave-
lengths from the solar limb. These emission and absorption
contributions by spicules are one reason why the transition
region does not appear as an extremely thin spherical shell
at the solar limb. Macrospicules are giant versions of
spicules within coronal holes; they can be seen in EUV
lines formed at temperatures up to 2 X 10°K. Fascinating
movies of EUV macrospicule jets have been obtained with
Skylab and with EIT and CDS on SOHO. The ultimate
cause for the upward ejection of (macro)spicular plasma
has not yet been identified, although several possible mech-
anisms have been proposed (including various types of
waves as well as scenarios involving the buffeting of mag-
netic flux tubes by granular motions in the photosphere).

Unfortunately, the best spatial resolution (down to 1 arc-
second, or 700 km on the Sun) that has so far been achieved
with space instruments (like the Transition Region Camera
(TRC; Bonnet et al. 1980), the High Resolution Telescope
and Spectrograph (HRTS; Bartoe and Brueckner 1975), the
Normal-Incident X-ray Telescope (NIXT; Golub et al.
1990), SOHO/SUMER and TRACE) has turned out to be
insufficient to resolve much of the fine structure that we
now know to be important for the physics of the transition
region. We are still far from understanding the complex
magnetic topology of the lower transition region and the
structure, acceleration mechanisms and ultimate fate of
spicules. While recent space experiments have given us a
glimpse of the amazing level of fine structure that governs
this part of the solar atmosphere, they also uncovered a
number of problems that can be solved only with future
observations with even better resolution.

4.3 Dynamics

The transition region is not only complicated because of its
fine structure, but also due to various types of motions and a
generally high level of temporal variations. This is impres-
sively illustrated by TRACE movies like those distributed
on CD-ROM with the review article by Schrijver et al.
(1999). They show variations and apparent motions on all
spatial and temporal scales — including brightening, moving
and oscillating magnetic loops; magnetic field reconfigura-
tions with associated mass ejections; or up- and downflow-
ing cool gas in spicules and active-region filaments.

From such movies, however, it is often not easy, or even
feasible, to assess the speeds involved — some of the appar-
ent motions might simply be moving wave fronts rather than
moving gas. A more direct, but still not always unique, mea-
surement of plasma velocities is based on the analysis of the

positions and shapes of spectral lines recorded with instru-
ments such as SO82 B (Bartoe et al. 1977) on Skylab, OSO 8§,
HRTS or the spectrometers SUMER and CDS on SOHO.

Such measurements identify motions both towards and
away from the observer. The gas that contributes most to the
emission from lower transition region temperatures is pre-
dominantly moving towards the Sun (Figure 7, left panel), at
speeds reaching a maximum of 10kms~! for temperatures
near 2 X 10°K. The average downflow speed decreases both
towards lower and higher temperatures and turns into
upward speeds for T7>5 X 10°K (Peter and Judge 1999;
Figure 7). It has been suggested that the apparent down- and
upflows represent the compression regions of downward and
upward running acoustic waves that are generated by sudden
heating events in magnetic loops. Alternatively the observed
flow pattern could be caused by chromospheric gas (like
spicules and similar phenomena) that was ejected upward at
cooler temperatures and then heated to a few times 10°K. In
this picture, the main part of the gas falls back towards the
Sun and causes the downflow at lower temperatures, while
the hottest parts of the gas might further expand into the
corona, thus causing the outflow at higher temperatures.
Flows initiated by highly asymmetric and temporally vari-
able heating in magnetic loops have also been suggested to
contribute to the observed velocities. The ultimate explana-
tion of this phenomenon needs observations with even
higher resolution as well as more sophisticated numerical
simulations. The upflows at higher temperatures come
mostly from network boundaries or intersections of bound-
aries, in particular in coronal holes, where the large-scale
magnetic field is open. Here the measured outflows have
been interpreted as a signature of the onset of the fast solar
wind (Hassler et al. 1999, Peter and Judge 1999, Stucki
et al. 1999, Wilhelm et al. 2000), which has long been
known to emanate from coronal holes.

Wave motions have also been identified, either as peri-
odic oscillations in individual spectral lines formed in the
network and in active regions, or as a time delay between
velocity fluctuations in lines formed in the chromosphere
and the transition region. The latter provides evidence for
upward travelling waves in the network cell interior
(Wikstgl et al. 2000), presumably the transition region rem-
nants of strong shocks in the chromosphere (Section 3.3).

The width of transition region spectral lines (with the
exception of the strongest ones) is mainly determined by the
thermal motion of the atoms and by macroscopic, but spa-
tially unresolved gas motions. The latter, so-called nonther-
mal motions, are found to reach values up to 30km s~ ! with
a large scatter, and are even larger in coronal holes than in
the quiet Sun. Spectral line shapes are often a superposition
of multiple components (Kjeldseth-Moe and Nicolas 1977),
most often consisting of a narrow main component and a
weaker, but broader component that is slightly shifted in
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Figure 7 Doppler shifts of spectral lines in the transition region, measured by scanning with the SUMER instrument on SOHO
over the Sun. On the disk, emission from lower transition region temperatures (left panel) is dominated by redshifts. They could
be produced by flows and downward travelling waves generated in transient, asymmetric heating events in magnetic loops or
by down-falling plasma at 10°K that has been lifted up at other (presumably lower) temperatures. In the upper transition region
(right panel) blueshifts prevail. Coronal holes (bordered by the yellow lines near both poles) are the source regions of the fast
solar wind, which is a possible cause of the dominance of blueshifts in these areas. (After Peter 1999.)

wavelength. According to a statistical analysis of SUMER
data by Peter (2000), this phenomenon is restricted to bright
network elements and can be attributed to the different mag-
netic structures that exist there: coronal funnels and small-
scale magnetic loops (Section 4.2).

Temporal variations in the transition region occur on
many different scales. Very common are sudden brighten-
ings in the EUV intensity as detected with CDS and
SUMER on SOHO. These events (‘blinkers’, e.g. Harrison
1997) were identified as density enhancements lasting
about half an hour on average. Related brightenings have
also been detected with EIT on SOHO. They might repre-
sent the reaction of the transition region to energy release
events in the corona.

More violent explosive events have been observed with
HRTS and SUMER. They occur mostly at network borders,
like the brightenings (termed microflares) detected with
SMM. Strong lineshifts indicate that gas is ejected from
the explosion site as a bidirectional jet with speeds up to
150kms™! (Innes et al. 1997). Simultaneous magnetograph
measurements show that explosive events are associated
with magnetic field cancellation. Their most likely explana-
tion is therefore that they are generated when small mag-
netic loops are transported by the convective flow to the
network border, where they collide with a pre-existing field
in such a way that magnetic field reconnection occurs,
which reorganizes the field and converts magnetic energy
into heat. At higher temperatures in the corona, Yohkoh

(Ogawara et al. 1991) has also detected jets associated with
reconnection.

These latter types of variability point towards a continu-
ous spectrum of reconnection events, ranging from large
flares (a flare is a strong, reconnection-driven explosion; cf.
the chapter on solar activity) to microflares and then down
to nanoflares, the latter being small-scale heating events
along individual field lines within magnetic loops that were
suggested to be a basic heating mechanism of coronal loops
(Parker 1988). There has been a lot of discussion if the
combined effect of all these observed variations is already
sufficient to heat the corona in magnetically closed regions.
At the time of writing it appears that other heating mecha-
nisms are operating as well (e.g. Aschwanden et al. 2000) —
but this issue is not yet finally solved, mainly because it is
very difficult to estimate the energy released in the smallest
events, which are the most common ones.

4.4 Energetics of the lower transition region

As the previous discussion showed, the lower part of the
transition region (below 2 X 10°K) plays a special role: it is
structured on finer scales and is temporally more variable
than the upper transition region, down to scales that lie
beyond the capabilities of current instrumentation. Another
problem is that the emission from the lower transition
region is much more intense than can be explained by sim-
ple steady-state transition region models that are based
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solely on energy supply by classical electron thermal con-
duction along the magnetic field (Section 4.1). While such
models can well reproduce the average emission of the
upper transition region, they fail to explain the observed
intensity from plasma below about 2 X 10°K by several
orders of magnitude. One reason for this discrepancy is
probably that this type of thermal conduction, which domi-
nates in the transition region and inner corona, becomes
inefficient at small temperatures, so that the temperature
gradient becomes very steep, as explained in Section 4.1. In
typical models of this kind, the thickness of the lower tran-
sition region is of the order of only 100km. Such a thin
layer does not contain much plasma, and its total emission
is thus small — much smaller than observed.

In the real Sun other, more efficient types of conductive
energy transport become important in the lower transition
region. First, ions and neutral atoms contribute in addition
to the electrons. Diffusion lets neutral atoms drift upward to
higher temperatures, while ions and electrons drift down-
ward. Second, it is likely that the plasma is strongly fila-
mented by the magnetic field on small spatial scales. If
neighbouring filaments have different temperatures, then
thermal conduction across the magnetic field becomes
important at low temperatures (Rabin and Moore 1984).
Third, it is possible that the large observed line widths are
produced by unresolved turbulent motions, as suggested by
some heating theories. The associated energy transport by
turbulent eddies enhances drastically the thermal conduc-
tion in the lower transition region (Cally 1990). Models
incorporating these types of diffusion and enhanced thermal
conduction could successfully account for the strong emis-
sion at low temperatures.

A number of other possible explanations have been sug-
gested as well. Waves might deposit momentum and energy
directly in the lower transition region, thus reducing the
need for thermal conduction from above (e.g. Woods et al.
1990). Even without direct heating, waves increase the
emission due to associated time-dependent effects (Wikstgl
et al. 1998), although perhaps not to the required amount
(Feldman 1998) — but this needs further clarification in
terms of more detailed models. Similarly, time-dependent
coronal heating also enhances the emission (Athay 1984,
Sturrock et al. 1990, Roumeliotis 1991).

Moreover, it is important to realize that the fastest elec-
trons have the lowest collision rates with other particles and
could thus penetrate the thin transition region with few or
no collisions. In particular, fast coronal electrons could
reach the lower transition region (Shoub 1983). Even the
possibility that the fastest of the chromospheric electrons
could, without collisions, produce the entire transition
region and corona without any further heating has been dis-
cussed (Scudder 1992) and found to produce the correct
emission at low temperatures, but to be inconsistent, in its

simplest form, with the emission and other properties at
higher temperatures (Anderson et al. 1996). This latter sug-
gestion needs to be studied further with more detailed theo-
retical models.

So there exist indeed a number of promising ideas for
explaining the observed excess emission at temperatures
corresponding to the low transition region (smaller than
about 2 X 10°K). The most often discussed suggestion,
however, is that a sizable fraction of this emission does not
at all originate from a ‘transition region’ between chromos-
phere and corona, but rather from an ensemble of magnetic
loops that do not reach coronal temperatures and are so
small that they could not yet be resolved with current
instruments (Feldman 1983, Antiochos and Noci 1986,
Dowdy et al. 1986; Section 4.2).

The emission from the important spectral lines of
helium, the second most abundant element of the Sun,
poses additional problems. Both neutral and singly ionized
helium requires particularly large amounts of energy to
reach electronic states from where lines can be emitted.
These large energies can be provided either by collisions
with fast electrons in the transition region, or by coronal
EUV and X-radiation that ionizes chromospheric helium
atoms, which upon subsequent recombination reach the
excited energy states from where the lines are emitted.

In relatively weak helium lines we can see through the
transition region into the chromosphere, where the latter
mechanism dominates. Therefore, such lines are sensitive
to radiation from the overlying corona and have thus been
used as proxies to infer the amount of coronal X-ray emis-
sion, both for the Sun and for other types of stars.

In the strongest helium lines (like the one shown in
Figure 6), however, we can usually see only into the transi-
tion region, where electron collisions dominate (Andretta and
Jones 1997). When compared to other lines excited by
electron collisions in the transition region, however, these
helium lines are much more intense, by typically an order of
magnitude. In fact, the strongest helium line is usually even
stronger than the available ionizing EUV and X-ray emission
from the corona, which confirms that it is predominantly
excited by electron collisions, not by photoionization. Jordan
(1975) suggested that the enhancement could be caused by
some process that mixes ions with hotter electrons. This
would affect the emission from helium more than from other
atoms because helium needs more energy for ionization and
more time to adjust its ionization equilibrium. Several of the
mechanisms discussed above could effectively provide such
a mixing of helium ions with hot electrons: diffusion, turbu-
lence, nonthermal electrons or time-dependent effects such
as waves or ‘bursty’ heating. The enhancement factor is
observed to increase with increasing emission, from coronal
holes to quiet regions, and from network cell interiors to
boundaries. This suggests a dependence of the mixing
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process on the density, temperature gradient or the magnetic
field structure of the overlying corona.

Many details of the formation of the helium spectrum are
not yet understood, despite active ongoing research. Recent
studies involved instruments like SUMER and CDS on the
SOHO satellite, combined with simultaneous ground-based
observations or rocket experiments. Several such studies
attempted to compare the spatial and temporal behaviour of
helium lines with other lines. But the data are complex, and
their correct interpretation requires radiative transfer and
hydrodynamic calculations, which need further refine-
ments. And the small spatial and temporal scales that char-
acterize the lower transition region call for observations
with higher resolution than our current instruments have
achieved.

Helium emission is very important for the energetics
of the transition region and upper chromosphere, mainly
because helium is the most abundant element after hydro-
gen. Quite surprisingly, its abundance is not constant.
Precise values are known only for the solar interior (where
the helium to hydrogen abundance ratio is 8.4% by number,
as determined from the analysis of solar oscillations) and in
the distant solar wind (where the abundances have been
measured directly by spacecraft, as discussed in Chapter 47,
and where the helium abundance is found to be only about
half the surface value, and highly variable). In the entire
solar atmosphere, however, the variation of the helium
abundance as a function of height and magnetic structure
is comparatively uncertain because it is very difficult to
determine from spectroscopic observations, in particular
in the upper chromosphere and lower transition region,
where the important helium lines are formed. It is possible
that small-scale abundance variations in space and time
contribute to the observed anomalous behaviour of the
helium lines.

5 CORONA

There is no unanimously accepted definition of a boundary
temperature that separates the upper transition region and
corona. An image like Figure 2, which probes plasma at tem-
peratures near 1 million kelvin, illustrates only partial
aspects of each of the basic components of the inner corona:
coronal holes dominated by an open magnetic field configu-
ration; active-region magnetic loop complexes and their
small-scale counterparts, bright points; and finally the quiet
corona consisting of more diffuse magnetic loops and small-
scale open regions. Measurements from SOHO instruments
showed that the electron temperature in coronal holes rises
only up to around 8 X 10°K, while from Yohkoh we know
that active region loops reach 2-5 X 10°K during quiet
phases, and up to 107K during heating bursts. An image like

Figure 2 therefore outlines cooler coronal loops in the quiet
corona and in the outer parts of active regions but does not
contain significant emission from the coronal parts of coro-
nal holes, while in the hottest parts of active regions it shows
only the transition region footpoints of very hot loops.
The coronae of magnetically closed and open regions in the
solar atmosphere are fundamentally different, not only with
respect to their magnetic topology, but also according to
their energy balance, temperature, density and other physical
properties. Therefore it is useful to discuss them separately.

5.1 Coronal loops

The presence of large magnetic loop structures in the outer
solar atmosphere has long been known from ground-based
observations such as those of loop prominences at the solar
limb, or from images taken in the few coronal spectral lines
that happen to fall in the visible part of the spectrum and are
thus accessible from the ground. But only after the first
rocket-borne X-ray observations, and in particular since the
highly successful Skylab mission, did it become evident that
essentially the entire X-ray emission from the Sun originates
in magnetic loops, and that these loops are not restricted to a
few activity centres, but dominate both the active and quiet
corona outside of coronal holes. For a review of these early
findings see, for example, Vaiana and Rosner (1978). The
one-to-one correspondence between magnetic loops and
X-ray emission makes X-ray observations an ideal tool for
studying magnetic activity on stars other than the Sun
(cf. the chapter on stellar interiors and atmospheres).

A series of subsequent space missions led to a continu-
ous refinement of our knowledge of solar coronal loops.
Over a complete solar cycle, Yohkoh monitored the proper-
ties of loops at high temperatures, to which it is particularly
sensitive. The rocket-borne NIXT experiment provided
snapshots of the somewhat cooler corona with higher spa-
tial resolution. EIT evolved into a major workhorse on
SOHO, taking images of the entire Sun in four different
temperature regimes of the transition region and corona,
which proved indispensable as synoptic reference for obser-
vations with other SOHO instruments. The latter include
the spectrographs SUMER and CDS, which measure flow
speeds, temperatures and densities in the transition region
and inner corona; and the coronagraphs UVCS (Ultraviolet
Coronagraph Spectrometer) and LASCO (Large Angle and
Spectrometric Coronagraph), which map the structure and
flows of the large-scale corona and solar wind. Like EIT,
TRACE obtains images at several different temperatures,
but with much higher spatial resolution, at which it can
observe only smaller sections of the solar disk at a time.

With respect to coronal loops, perhaps the single most
important result of all these observations is the appreciation
of the high level of structuring and dynamics in the corona.
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For example, images with the so far highest resolution
show thin magnetic loops that are only one pixel wide
along their entire length. It is likely that these fine loops are
still underresolved and in reality even thinner. Such images
were taken by TRACE in a wavelength band sensitive to
radiation from a limited temperature range, usually around
10°K. Does the fact that we recognize the complete loop
then imply that it has a virtually constant temperature along
its entire length? If so, this would impose severe constraints
on the distribution of heating along the loop (Schrijver
et al. 1999) and/or its variation with time. But alternatively
it is also possible (Reale and Peres 2000) that even such
thin loops consist of a bundle of even thinner magnetic
threads, all having their own separate energy balance,
temperature profile and time evolution. If this is the case,
the emission from the cooler threads would contribute to
the TRACE wavelength band predominantly near the centre
part of the loop, while the footpoints of the hotter threads
would dominate the image near the loop ends. Neither of
these different types of threads needs to have constant tem-
perature. Moreover, one should expect that such extremely
thin filaments are also temporally variable, so that our
observations average in both space and time. Thus the
seemingly constant temperature within the observed loops
could well be an illusion due to the fact that our spatial and
temporal resolution is not yet high enough to resolve the
important physical phenomena at their intrinsic scales.
Only future improved measurements can help to resolve
these issues.

A similar averaging effect could also explain why Yohkoh
observes generally thicker loops than TRACE. Yohkoh sam-
ples a broader temperature range, to which more threads
might contribute (Peres 1999). Another aspect to keep in
mind is that Yohkoh senses higher temperatures, where
the radiative cooling times are much longer (Section 4.1).
Therefore, if the temperatures of individual loop threads
are controlled by heating events followed by cooling,
one observes at any given instant more threads at high
temperatures than at low ones, so one should expect a gen-
eral trend towards sharper contours at lower temperatures.

In active regions, TRACE observed in its 10°K band an
irregular pattern of fine-scale structures that resembles, and
was therefore termed, ‘moss’ (see the review by Schrijver
et al. 1999). This phenomenon is restricted to regions
in which simultaneous Yohkoh observations detect hot
overlying loops of at least 3 X 10°K. Hence, moss has been
interpreted as the upper transition region in hot loop threads.
The moss pattern is highly variable, partly because of
absorbing cool matter that moves up and down in front of
the loop footpoints. This is possible because bright, hot loops
have high pressures, which push their transition regions
down to height levels below the top of the surrounding
chromosphere.

The reason for the overall bright emission from loops is
that they keep the gas trapped within them. Since the matter
is highly ionized at coronal temperatures, all particles can
only spiral around, and move along (but not across), the mag-
netic field lines. In the inner solar corona, the gas pressure is
typically an order of magnitude smaller than the pressure
associated with the magnetic field (8~=0.1; Section 3.5), so
the gas in a coronal loop cannot normally open up its con-
tainer (except for the outermost loops, which will be dis-
cussed in Section 5.2). As described in Section 4.1, all the
energy that is deposited in a loop as heat is ultimately radi-
ated away, after redistribution by thermal conduction and
adjustment of the location of the transition region and the
loop pressure. The more heat a loop receives, the larger its
pressure becomes, and the brighter the emission. By con-
trast, magnetically open regions can also cool by outward
thermal conduction and in particular by energy losses associ-
ated with the solar wind, which acts as a ‘safety valve’. If a
closed and an open flux tube are heated at the same rate, the
open one has thus a lower temperature (because of additional
cooling mechanisms) and density (because less energy needs
to be radiated away) and therefore a much lower pressure.

But what are the mechanisms that heat coronal loops?
It has become increasingly clear since the late 1970s that
acoustic waves cannot transport enough energy beyond the
chromosphere (Section 3.3). Therefore, the energy transport
into, and very likely also the heating of, the corona must be
mediated by the magnetic field. The footpoints of magnetic
field lines are anchored in the deep photosphere, where
convective and turbulent flows move them around. This
gives rise to a large number of different means to transport
energy into the upper layers. Unfortunately, we can address
here only some of the most basic mechanisms. For compre-
hensive reviews, see, for example, Narain and Ulmschneider
(1990, 1996).

Quite generally, rapid footpoint motions generate waves,
which travel upward along the magnetic field; while slow
motions let the atmosphere move through a sequence of
quasi-equilibrium states, during which electric currents are
important.

There exist many different types of waves that travel
along the magnetic field. Slender magnetic flux tubes
(where the physical quantities can be assumed constant
over the cross-section) support three types of waves: kink
waves when their footpoints are pushed back and forth by
the convective motions; forsional waves when they are
twisted; and longitudinal (or sausage) waves when they are
squeezed. Additional types of waves are possible in thick
magnetic flux tubes, for example modes that run predomi-
nantly along the surface of the tube and others that run
in the interior. And outside of flux tubes, for example in
the space-filling magnetic field above the canopy, there are
again different magnetic wave modes possible. All these
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types of waves have been investigated in some detail, trying
to answer questions like: how much wave energy is gener-
ated at which frequency in the convection zone; how does
the wave propagate along the structured magnetic field;
how much of the wave energy ‘leaks’ into the surrounding
environment and how much is converted into other wave
modes; what fraction of the energy is reflected off the tran-
sition region; and where and how is the mechanical energy
ultimately converted into heat? Those wave types that have
compression as their major restoring force, such as longitu-
dinal tube waves, dissipate rapidly, like acoustic waves, and
are therefore good candidates for heating the chromos-
pheric network, but not the corona. Only waves where the
magnetic field provides the main restoring force are viable
candidates for heating the corona.

In addition to these wave heating mechanisms (some-
times called AC mechanisms) there are also several possi-
bilities for non-wave heating caused by slow footpoint
motions (DC mechanisms). Newly emerging magnetic flux
appears all over the solar surface as small loops, which are
subsequently swept by the supergranular flow towards the
cell boundaries. When they collide with a pre-existing field
in the network, discontinuous changes arise in the direc-
tions of neighbouring magnetic field lines. In such a situa-
tion the magnetic field can reconfigure itself; and part of
the stored magnetic field energy is suddenly set free, caus-
ing heating, waves, plasma jets and brightenings. (For
a more exhaustive description of such processes see
Chapter 43) Reconnection events can also occur when ris-
ing freshly emerged flux collides with overlying magnetic
flux. Even without collisions between different loops,
reconnection might also be important in individual coronal
loops. This is because the continuous shuffling of magnetic
field line footpoints causes a ‘braiding’ of the threads that
compose the loop, and thus again differences in the direc-
tion of neighbouring magnetic field lines, associated with
electric currents that may contribute to coronal heating
(Parker 1979). If the braiding gets strong enough, the mag-
netic field again reconfigures itself in reconnection events
called nanoflares by Parker (1988). TRACE has indeed
observed indications of such a braiding of individual loop
threads (Schrijver et al. 1999).

Braiding can lead to a state of small-scale turbulence in
the corona, which can be maintained by photospheric
motions (e.g. Heyvaerts and Priest 1992). In such a state,
the conversion of mechanical energy into heat is much
more efficient. New results from SOHO and TRACE indi-
cate that at least parts of the corona are indeed in a state of
turbulence. For example, TRACE observed coronal loops
that oscillated back and forth a couple of times after being
hit by a strong wave from a nearby flare. From the damping
rate of this oscillation, Nakariakov et al. (1999) concluded
that the corona is turbulent.

5.2 The open corona

Higher up in the atmosphere the magnetic structure becomes
less complex, and magnetic loops disappear. The solar wind
opens up and carries away the outermost loop field lines,
leading to a configuration with a thin layer with oppositely
directed magnetic field on both sides, which contains
electric currents. The resulting helmet- and ray-shaped
structures are called streamers (Figures 8 and 9). At solar
activity minimum, they are mainly confined to the equator-
ial zone, while with increasing solar activity the streamer
belt extends to higher latitudes and becomes more irregular.
Except during high-activity phases, large coronal holes are
usually located at the polar regions. Their field lines bend
around the streamers and occupy at larger distances the
entire heliosphere outside of a narrow zone near the equato-
rial plane (cf. Chapter 47).

The solar wind has been predicted theoretically and then
measured by numerous satellite missions (Chapters 9 and 47).
One of the main objectives of the SOHO mission was to
identify the coronal origins of the solar wind and to study
its initial acceleration. Coronal holes have long been identi-
fied as the main source of the fast, regular solar wind that
dominates the heliosphere at higher latitudes. Coronal holes
are structured by plumes, ray-shaped features that can be
traced out to several solar radii. They have higher densities
and lower temperatures than the interplume regions. Model
calculations as well as observations with SOHO instru-
ments (e.g. Wilhelm ef al. 1998) have now firmly estab-
lished that the outflow speeds are much lower within
plumes, so that interplume regions are the genuine source
regions of the fast solar wind. Therefore, the plasma that
makes up the fast wind flows first through open funnels
within the network (Section 4.2) and is then accelerated
within the low-density interplume lanes.

The slower, more irregular wind near the equatorial plane
could originate in several different types of solar regions
(e.g. Wang 1994, Noci et al. 1997), the relative importance
of which is still being debated and might depend on the
phase in the solar cycle. The possible source regions of the
slow wind include (i) the borders of coronal holes, with their
larger areal expansion out to large distances (Figure 9);
(i1) small open regions between streamers, with their early
rapid expansion and subsequent constriction; and (iii) the
outermost parts of closed regions, which occasionally open
up. SOHO/UVCS measurements indicate that the legs of
streamers have similar ion abundances as were measured by
satellites in the slow-wind zone.

The SOHO coronagraphs discovered that the slow solar
wind is accelerated slowly, while the fast wind is acceler-
ated surprisingly rapidly (e.g. Antonucci 1999, and refer-
ences therein). Time sequences from the LASCO
coronagraph show elongated blobs of gas that appear above
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Figure 8 Composite of two SOHO images of the Sun and its corona. The inner part was taken with the EIT instrument and
shows the solar disk and inner corona in a wavelength band dominated by iron lines formed near 2 million kelvin. Notice the
long extension of the polar coronal hole, two active regions and the streamer regions of enhanced emission over parts of
the solar limb. The streamers extend far away from the Sun, as shown in the outer image, taken with the UVCS instrument in
the light of fivefold ionized oxygen (O VI). The overall structure of the corona is obviously controlled by the magnetic field.
(Courtesy of the SOHO/EIT and SOHO/UVCS teams. SOHO is a project of international cooperation between ESA and NASA.)

the cusps of streamers and are then carried away by the
slow wind. They can serve as tracers for measuring the
wind speed. One finds that the slow wind is continuously
accelerated throughout at least the first 20 solar radii (Rp),
reaching speeds around 300kms ™! there, about three-quar-
ters of the average speed measured at the orbit of Earth.
The observed acceleration is consistent with thermal wind
expansion (Parker 1958) at a temperature of 1.1 X 10°K. By
contrast, observations covering the radial range 1.6-3 R
in coronal holes indicate that the fast solar wind is acceler-
ated an order of magnitude more rapidly; presumably it
reaches its final speed of up to 800kms™! already within
the first 10 Re.

It has long been known that the decrease of the density
with increasing distance from the Sun must ultimately lead
to a situation where collisions between different particles
are so inefficient that electrons, protons and other species
each have their own temperature and their own energy and
momentum balance.

A major result of the SOHO mission was the discovery
that the electron temperatures and densities in coronal holes
are significantly lower than expected; hence the decoupling
between species occurs much earlier than anticipated. The
electrons were found to reach their maximum temperature
of somewhat less than 10°K already low in the corona, some
10-20% of Ry above the photosphere. Beyond this point,
the electron temperature declines outward, more rapidly
inside plumes than outside. As a result of this low maximum
and early decline, and of the inefficient collisional coupling,
outward electron heat conduction is lower than expected and
may not be able to provide significant amounts of energy
out to distances where the fast solar wind needs it: of the
order of R, for its potential energy and (as just discussed) a
few R for its kinetic energy. Therefore, much of the wind
energy must be supplied either by direct energy input from
waves or by enthalpy redistribution (Section 4.1) — that is,
by using up the energy from cooling particles that were
heated to high temperatures at lower distances.
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Figure 9 Schematic representation of the large-scale
magnetic field structure of the solar corona. The direction of
the magnetic field is indicated by arrows. Closed regions exist
only up to a certain radial distance, beyond which their field
lines are opened up by the solar wind. This leads to regions
with oppositely directed magnetic field lines close to each
other, and thus to current sheets (dashed lines) within
streamers (white). The fast steady solar wind (light grey)
comes mainly from large coronal holes, whereas the irregular
slow solar wind has been suggested to come from small
open regions with strong areal expansion and subsequent
constriction (dark grey), with possible further contributions
from the boundaries of coronal holes and from the opening of
the outermost closed regions.

Both these possibilities appear to play a role. The tem-
perature of protons and neutral hydrogen atoms increases to
around 3—4 X 10°K near 3 R, where both species decouple
and hydrogen starts to cool, while the proton temperature
can no longer be determined (see the review by Antonucci
1999). Five-fold ionized oxygen ions were also measured
with UVCS on SOHO. Their temperature decouples
from that of the protons already at 1.5Rs and then
increases to extremely high values. Moreover, the velocity
distribution of these ions along the magnetic field lines dif-
fers markedly from the velocity associated with their gyra-
tion motions around the field lines. When interpreted as
kinetic temperature, these velocity distributions correspond
to at least 10’K along the magnetic field direction, and
108K perpendicular to it.

The inefficiency of collisions, and the fact that the tem-
peratures of minor ions are much higher and anisotropic, has
been attributed to ion-cyclotron heating by high-frequency
Alfvén waves. Such waves can pump magnetic wave

energy into the gyration motions of ions. The required
waves have been suggested to be generated during recon-
nection events in the network (Axford and McKenzie
1997), but it is still debated if they can reach far enough
into the corona or if they are damped so rapidly that they
must be replenished continuously within the corona from
the turbulent decay of other waves (Isenberg and Hollweg
1983, Cranmer et al. 1999).
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